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|. Introduction

Tihe whole light that we receive from stars arises In their
atmosphere = narrow transition zone between the stellar
Interior and the interstellar medium.

Solar atmosphere: photosphere, chromoesphere, transition Zone,
corona.
Photosphere = region where the visible light arises. In the case

of the Sun: 1000 km (1 Rg= 6:96 10> km). The temperature
varies between 4000 and 8000 K.
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|. Introduction

In this course, We are mainly interested in the photesphere and,
{0 some extent, In expanding atmospheres (stellarwinds of-hot
stars).

Tihe physical conditions In the photesphere depend on the
star’s surface grayvity and on the radiative flux that crosses the
atmosphere.

Tiotal radiated powver:




1.1 Stellar photometry

Photometry = technique to measure the brightness of:an
astronomical' source.

One distinguishes;the apparent brightness (flux) and abselute
prightness (luminosities).

System of: magnitudes. Bolometric magnitude:

Lo = 3.845 103 erg s—!

Observation through a filter withia limited bandwidth:

[
mw = —2.5 log f FaW(A) dA + Cte
o0




1.1 Stellar photometry

Observation through a filter with'a limited bandwidth:

[
mw = —2.5 log [ FaAWI(A)dA + Cte

o U

Johnson/Bessell UBVRI Filters Filter Effective wavelength (A) FWHM (A)
- 3663 650

4361 890

5448 840
6407 1580
7980 1540
12200 2400
16300 4000
51900 6000

% Transmittance

- Bolometric correction:

500 600 700 800 900 1000 1100 1200
Wavelength (nm) ©2002 Andover Corporation

Myol = Mw + BCw

——— Ufilter (P/N JOHN-U-XX)
B filter (P/N JOHN-B-XX)

- Vfilter (P/N JOHN-V-XX)
R filter (P/N JOHN-R-XX)
——— Ifilter (P/N JOHN-I-XX)



1.1 Stellar photometry

Observation through a filter with'a limited bandwidth:

U
-+
ey

[41]

-

i

Ly
-+

—

r—
]

4000 2000 G000

Longueur 4d’'ende (A)



1.1 Stellar photometry

Apparent magnitude depends onithe distance and' the
Interstellar absorption:

Mwy =mw +5—5 logd — Aw

Intrinsic celours (e.g. (B-V/), and (U-B), see Tiable 1.2).
Colour-magnitude and colour-colour diagrams:




1.2 Stellar spectroscopy

1666: Newton discovers the diffraction of solar light mto; its
colours with:a prism.

1800 and 1801; Herschel and Ritter discover: the infrared'and
ultraviolet light, respectively.

1802: Wollaston discovers the presence of dark lines in the
Solar spectrum.

1814: Fraunhofer rediscovers the dark lines and names them
with the letters from A to H. A & B = telluric lines; C = Ha., E
= Hp; D: Na I; H, K& Ca II; G = molecular bands.

1842: Becquerel obtains the first photograph of:the Solar
Spectrum

1872: Draper obtams the first photograph of a stellar spectrum
(Vega, o Lyrae)

10



1.2 Stellar spectroscopy.
|_aws of: Kirchhoff: & Bunsen:
Tihe spectrum of:a source of White light Is a contiuum of
colours. |
White light that crosses a cool'gas contalns absorption lines
(dark lines).

The light emitted by a hot and tenuous gas (e.g. a sodlum
vapour: lamp) is made of narrow and intense emission lines

(bright lines).







1.2 Stellar spectroscopy.
In & spectrographn, light Is decomposed
USIng a prism

Fente d’ entrE’:'.e Pfll:‘?.'IIIE:

_ ] /
I ¥ ~_ Lentille

Leﬁti]]:—::

Détecteur

Or. using a diffraction grating (erther via reflection or transmission)

18ra
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Réseaun de
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1.2 Stellar spectroscopy

X

LCight Wave at a poeint of
coordinate x: I

f
i
..l!-_ﬁ'

Q9T SII oy

F(r) = Fp exp X

Tirransmission function ofthe
grating: G(x) = 0'1f x Is
outside the grooves of width b,
G(x) = 1 If x Inside a groove.
The diffracted wave becomes:

oo 2mix sin 3

F(r)G(r) exp —— dx
— X . . J}\.

2 (sin /3 + sin o)

A

dar

—+ o0 o
Fo [ G(x) exp
o — (T
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1.2 Stellar spectroscopy

Settini

X

ONne OPLaINS ﬁ|

..l!-_ﬁ'

2mial

—+ oo
gl0) = Fp / G(x) exp da
af — T

A

WHhich IS the Fourier.
transform of: G(x).

SINCe
G (x) = By(x)+«II11(x) Ba(x)
WIth Fggi () =5, 0(x —nd) IT1(0) =32, 5(6/\—n/d)

One finds
II1(6) *

w sin [w@w/ A bsin[w6b/A]
THw /A TOb/A

3 w sin [w (/N —n/d)w] b sin[w 6 b/A]
T (G/ N —n/d)w TOb/A

T
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1.2 Stellar spectroscopy

w sin [w 6w /A b sin [ &b/
6w/ A THb/A
cw sin [w (B/X — n/d)w] b sin[7w O b/A]
Z T (0/ N —n/d)w TOb/A

I11(6) *

T

Tthe function g(0) Is maximum
CUR ‘f A — 7 J.-'"f d =)

With: n'an integer number

. . ”»w«a‘bfmi« h‘lﬂ.mmmku.l“ \Wltmmmiﬂ hu.%.”,»n‘i
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1.2 Stellar spectroscopy

w sin [w 6w /A b sin [ &b/
6w/ A THb/A
> w sin [w (/X —n/d)w] b sin[w6b/\]

I11(6) *

T (0/ N —n/d)w TOb/A

T

d A cos (3d
dxr 1 feam

cos o’ d
A= 2007

feon n

focal length



1.2 Stellar spectroscopy

Echelle spectroscopy: highest spectral resolution

Detector

Cross disperser




1.2 Stellar spectroscopy

|_ong-slit spectroscopy. Raw data include:

Biases (offsets applied to the CCD).

[Dark exposures (dark current of the CCD).

Flat fields (tungsten lamps, inter-pixel variations)
Hollow cathode (ThAr, HeAr, NeAr,... lamps)
Observations of the sky (stars...)

Possibly standardistars for flux or radral velocity.
calibrations...

[Data reduction:

Subtraction of: the bias and'the dark current
Division by the flat field

\Wavelength calibration.

19



1.2 Stellar spectroscopy

Flux calibration: ofi the spectra: wide slit to ensure that all
the flux enters the instrument (spectraliresolution depends
on the « Seeing »).

cos o feg d AN D
AN = 2Tl 72D

Jfeon 1t

Absolute calibration based on absolute flux of:\/ega
(challenging operation, subject touncertainties of: at least
1%).

20



1.3 Spectral classification

Angelo Secehr (1818 — 1878) observed the spectra of about
4000 stars and discovered the existence ofi different spectral

PL.XLIN

21



1.3 Spectral classification

At Harvard observatory, Edward Pickering (1846 — 191.9),
Initiated the study of a large sample of: photographic stellar
spectra. With the money from a donation: from Henry Draper’s
widow, he hired women “because they anc cheaper and more
cfficient than men™ & @%

22



1.3 Spectral classification

1890 — 1900: Williamina Fleming (1857 — 1911) introduced a
classification based onithe itensity of:hydrogen lines.

23



1.3 Spectral classification

Annie Cannon (1863 — 1941) improved Eleming’s method and
proposed a seguence O BAE G K M
and sub-classes (e.g. G2, AQ,...)

Tnis classification IS based on a Series of criteria about the
relative Intensity. of spectral lines.

Mnemonic: « Oh;, Be A Eine Girl/Guy, Kiss Me! »

H Call H

H
N e

07V | |

|H

|
sovilIEE 1 0 1 ] i
TR F IR B
Fov |ARRMARMMARIIAL I 110
G5V | MMM 1111 R e
5 1A 0 1Al

MV AL

370 380 390 400 410
lambda (nm})




1.3 Spectral classification

Antonia Maury (1866 — 1952), Ejnar. Hertzsprung (1873 —
1967) and Henry Russell (1877 — 1957) introduced the concept
ofia bi-dimensional classification.

In 1943, this gave rise to the concept of luminosity: classes: 0
hypergiant, I, Ia, 1o, lab supergiant, 1" luminous giants, I
giants, I\ sub-giants, \/ dwarfs, VI sub-dwarfs in the MKK
classification (Morgan, Keenan & Kellman).

25
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1.3 Spectral classification

Until the years 1980, spectroscopy Was done with
photegraphic plates.

1o classify: the spectra, one used observations of standards
stars Inithe blue (maximum sensitivity of: photegraphic plates)
petween Ca I K and H.

Tioday, one uses CCDs along with a series of digital spectral
atlases and/or criteria based on ratios of spectral line
Intensities.

27
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1.3 Spectral classification

Balmer: lines and Balmer discontinuity. are strongest Ini spectra
oft A-type stars.
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1.3 Spectral classification

|_ower number of lines (optical domain) in the spectra of: O-
Lype stars.

i
(i lf riwrm
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1.3 Spectral classification

O-type stars: He 114471 / He |1 4542
Main Sequence 04 — 09

HO46223

HO451 &0

HD451 45

A =)

HO46202

oG 4100 4200 4300 4400 4500 4600
Wavelength

3800 3900 40




1.3 Spectral classification

B-type stars: absence of He 1, He 114471 / Mg |1 4481
Main Sequence 09 — BS

HD 46202

HD 36936

58{]{] 3900 4000 4 4200 4300 4400 4500
Wmvelength




1.3 Spectral classification

B-type stars: luminosities set by O 1114348/ H v ratio.

v Cas

& Per

8 CMa

wl Sco

Luminasity Effects at B

o Hel 4048
« Hal 4387
004416

Hy
e-; _éﬂ all 4348

—

3800 3800 4000 4100 4200 4300 4400 4500 4800
Wavelength



1.3 Spectral classification

A-type stars: luminoesity set by width of: hydroegen lines
Luminesity Effects at AQ

wFa |l 4233
AH» N

1.5,
Mg Il 4461

HRE 1040

%
—

7 Leo

o Dra

BIEE
i

i

3800 3800 4000 4100 4200 4300 4400 4500 4800
Wavelength




1.3 Spectral classification

A-E-G stars: intensity of metal lines, G-band
Main sequence Az — GO

HD 23194

HD 23585

HD 27524

&
—bq FE|

58{]{] 3900 400[} 4—1(}{] 4200 4300 4400 4500 4600
Wavelength




1.3 Spectral classification

G-K type stars: intensity ofi the G band, ke || 4325/Hy ratio

Main sequence GO — K5

i

3800 3800 4000 4100 4200 4300 4400 4500 4600
Wawvelength




1.3 Spectral classification
G-K type stars: luminosity set by mtensities oft CNibands and Y.

[1'4376 / Fe 114383 ratio
Luminosity Effects ot GB

-
=
iy
-
72
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=
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2
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i
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FCallk
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B Srll 4077

T
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3800 3900

4000 4

— |
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1.3 Spectral classification

K-M type stars: 110 and CaOH bands
Main Sequence K5 — M4.5

MNorrmalized Flux

B1 Cyqg A

61 Cyg B

ED +45 444

ED +43 44B

a2 EriC

3800 4000 4200 4400 4600 4300 5000 5200 5400 5800
Wavelength




[l. Interactions between matter and radiation

Tihe transport ofienergy. In a stellar atmosphere Is mainly done
through radiation. Convection and conduction play. only: a very.
minor role and are usually neglected.

Interactions between radiation and matter: determing the shape
of the spectrum of a star.

Tihe eguations of radiative transferare at the heart of this
subject.

38



2.1 Basic concepts

Specific intensity: |, guantity ofienergy di&, In the frequency.
range [v,v+dv] that crosses a surface element dA during a time
Interval dt under: an angle 0'with respect to the surface and
withinian interval ofisolid angle dw.

towards observer
dF,

cos @ dA dw dt dv

39



2.1 Basic concepts

Net radiative energy. flux: 7 = first order moment of |, with
[ESPECt to cost (zero for an Isetropic radiation field):

$dE,
dA dt dv

Astrophysical flux: ,
i

At the boundary between the region that radiates and the
Interstellar space:

Fu =

— 9( I, cos B dw

1-‘“‘

Emerging flux: F = Qﬁ/

9
1, sinf cos @ db

J 0

Z10)



2.1 Basic concepts

2" order moment of: I, with respect to coso:

1dFE, cos# B 1,

dP, = ——~—— = " cos* O dv dw
Y e dtdA c ”"

41



2.2 Radiative transfer

Consider radiation that crosses a layer of material of:width dx:

Tihe absorption coefficient contains contributions from the true
absorption and diffusion.

Optical depth: A dl,, = —1I,dr,

If:the matter: does not emit any radiation:

42



2.2 Radiative transfer

[f"the material does emit radiation: ey SEw sy i

Emission IS made of true emission and scattered photons.

=or a local thermodynamic equilibrium (L TE; pure absorption
and pure emission):

exp (hv/kT) -1 "



2.2 Radiative transfer

Equation of radiative transfer:

ook for: formal selutions ofithe Kind

Tihe eguation NOW DECOMES:
df

i exp (b TI,) = —

b1 v ( Ty ) +

And the solutionIs

I,(7y) = exp (—=7y) / S,(t) exp () dt, + 1,(0) exp (—7)
J 0

44



2.3 LLocal thermodynamic equilibrium

Consider an atom with a number:
of-different energy levels.

IR thermoedynamic equiliprium,
the populations of the different
levels are given by the Boltzmann
law:

Consider: the simplified situation
of a two-level (u and I) atom.

NH, Ju ‘ |
_ Ju exp (—hv/kT)

Ny qgi

45



2.3 LLocal thermodynamic equilibrium

Tihe probability of a spontaneous transition between u and IS
AU,| dt da)

[ihe probabilities of transition U — /and / — z iduced by,
radiationiare B 1, dt dew and By , I; dt dw, respectively.

Tihe absorption coefficient corrected for stimulated emission

[AUS BECOMES:
kppl, =Ny B I, hv—N, B, 1, hv

IETE TmMpPlies:: e ; ;
P Ny i"il-u.?f + Ny B .l L, =N B I 1,

Remain valid
outside LTE.




2.4 Radiative transfer in different geometries

Spherical atmosphere:

AT, = Ky pdzf dr = cosBdz rdf = —sin# dz

l{:} I 1 'EI T (.j I L I'II- E".

Ir dz = 06 dz
E} I s . E} I s Siﬂ 6

COns —

r a6 T

Y, COs H (i:i I s 5]11 H —
_— — I 1 _l_ i-':.’ s

D6 kK, pr
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2.4 Radiative transfer in different geometries

Plane parallel atmosphere:

dl,, cosf@
I"_I'-'T' g f:—"
Change In the

Ly s — I, — S definition of =, .

[IT-'TI_..!

I(1,0) = ["(r,) if 6€0,7/2]

1, ['TI —Iml'ﬁ] if 6 e]w/2, 7]

48



2.4 Radiative transfer in different geometries

L(7,0) =L"(r,) if 6€][0,7/2]

I,(1,0) =I"(r,) if @ €]n/2,7]

Integrated form of the equation of: radiative transfer:

i . . Tu —_ . ; . - i/ . \ ; \ -
/ot (r,) = — / S, (t,) exp [—(t, — 7,) secl] secOdt, + I™ " (Tstart) exp [(Ty — Totart) sec ]
 Tatart

/ | Sy (t,) exp [(1y, — t,) secl] secBdt,
of T

T
- / Su(ty) exp (1, — ty) secl] secldt,
JO

49



2.4 Radiative transfer in different geometries

Resulting flux:

™
2 I, cosf sin @ do
JO

i

/ : Sy exp [—(t, — 7)) sec ] sin @ dt, dﬂ]
1

L ;"‘2 a

2 [ , a , o Sy oexp [—(t, — 7o) secH] sind di, db — /
S0 of Tor

[

~ Ty
JSTI_J E > Lt:r - FTI-".J \'__Ef |7 f ‘51‘1! E > { T — t:__r ‘_} (ft:_.;:l
Ty 0

Exponential integral of-degree n:

¢ OO0 eX]P —T W
E T {. £ .} — J]_ F:,_T I"_I'-"I.L:'

Emerging flux: g (r, =0) =27 f TS, Ealty) dt,
0

[ / o ‘51:! El {:fl’ — TI’ ‘_} ﬂ'.tl__, —|— -/ ) LSTI__, E 1 [\TI’ - f;:) fjt:_.r]
o Ty 0

o] = bI] =

[ / f.SfI_.r E 3 {.’fl’ — T ‘_]' d.t:_, -+ -/D ;STI_; B 3 Lﬁr - t:_.w) dt 1_.#]
T
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2.5 Radiative equilibrium

Tihere Is no production of energy Inside the stellar atmosphere.
Energy Is only. transported'

[ Folrmy)dr =0
a'l 0

-[] - Fulm)dr = Fog = Cte
[his situation yields the 3 Milne eguations IfiS, doees not
depend on the direction.
15t Milne eqguation: consider: the equation: of radiative transfer

o 1,

cost = (I, — ;STI_,:I Ky 2
da "

—_— P 1, t[]‘-\ﬁﬁrl..r.-—(”j— du_-_fbx d‘-‘-)-*:f’

o F,.
dxr

— -—]: T Hogs p {: JI—-" T ‘Sfl"' "}
51



2.5 Radiative equilibrium

Integrating over all frequencies, one obtains the first Milne
eguation:

__I L [ ] e ] )
d Fo =0=4mp [ / wy T, dv — [ Ky S, ¢ 1',1__;]
O

dar Jo

1 fee Y . .
e / 1511__.- E 1 {f:f - ?_1.- ‘_} f.f-tl__p _|_ - / JSTI_; E 1 (?_p - tp) f__!?t s #511;] Lif-‘r — [:]
) - s . 2 0

LT

Second Milne equation: f T E(n) dy = Fo = Cte
0

[ ] [ - T | |
27 / [ [ S, Ealty — 7)) dty f S, Ea(ry —t,) dftl_,] dv — Fo
0 - 0

Ty

52



2.5 Radiative equilibrium

Third Milne equation: multiply: the transfer equation by cosd
and integrate over solid angle.

o

dx

% I e COsT Hdw = [\ ¢ 1 . COS & dw — f ;STI__, cos a'.u..') Fgs 2

-/‘ < d [1
o dr. |2

Grey. atmosphere:
y p a1 costd = [ — 85

dT

53



2.5 Radiative equilibrium
Milne equations for a grey atmosphere:

Solution found by Eddrngton:
[(7) = I°" (7) for 0 < 6 < /2 and
I(z) =" (7) form/2 <0<

J(r) = % 1o (7) + I™(7)]

:F(‘T} - [IGUt(T} — Iin{?_)}

K(r) = = [I°"(7) + I'"(7)]

54



2.5 Radiative equilibrium
Integration ofi Milne’s 3/ equation:

55



2.6 The absorption coefficient

I'he absorption coefficient in the continuum depends onithe
temperature stratification of the atmoesphere.

It reflects the bound — free and free — free Processes.

Tihe absorption coefficients must be corrected for the effect of
stimulated emission (e.g. in LTE):

K p— Ny Dy Ju hv — N, B .l hv = Nj BE,-H. h v {1 — eXp {._h I""f k T.”

Tihe opacity: of the continuum: mainly due torhydrogen (most
abundant chemical element m “normal™ stars).

Bound — free absorption fromienergy. level n
AS

B
.].-] b

apf = 1.0449 1026 anf

I L 0.3456
Wlth Gbr — 1 + [: NOLE
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2.6 The absorption coefficient
Bound — free absorption from energy level n

)\3

=4
?1 [ )

pf = 1.0449 10—2° b

— apy N
N :

ﬂ;ﬂ N
% N A
1.044910 " N = gps exp (—xn/kT
Z 03 ghr exp (—x JkT)

n=ngp

In LTE with N, ] - |
h — 9n ex o (_K'n fﬂikTJ

N w(T")
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2.6 The absorption coefficient
Hydrogen bound — free absorption from energy leveln

Wavelength A (A)
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2.6 The absorption coefficient
Hydrogen bound — free absorption from energy leveln

—
-
-

-
jos)
"
—
=
]
et
——

ns

log{ax{H, )N

Wavelength A {,\,
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2.6 The absorption coefficient

The Balmer: discontinuity (3646 A) across the Hertzsprung-
Russell diagram:

™y,
B

1|
I
P

M,

—

Bt
A
0]

Flux |',x
Flux I

1elalive
Relative

4000 2000 6000 7000 4000 2000 6000 Y000




2.6 The absorption coefficient
Free — free absorption of hydrogen

—
- N T =4 .rI'i: T P _EI B
1.0449 10726 g, 23
9N SR, exp ( T/
d 4 AT ey . V3 .r2 T .\ 5;';2 a9, ’ .
IN LTE with [E s il el CE DL R oy

h3 wo(T)

gr = 1+ 23456

AR)L/Z

Neutral hydrogen Is the main source ofiopacity in the
atmospheres of B, A and F-type stars.
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2.6 The absorption coefficient

Bound — free absorption of the negative hydrogen ion: H-
formed: by, the capture of:a free electron coming from the
lonization of metals. The binding energy:is 0.755 eV.

Main seurce of opacity in the Sun between 4000 and 15000A!

- 1
S EARE

Wavelength A (A) 82



2.6 The absorption coefficient

AL first sight, the Importance of the H= ion Is not ebvieus: for
a solar-type star, compared to neutral nydregen, the H=1on
only accounts for a relative abundance ofi3 X 10:°

HOWEVET, Since We are interestedin the opacity: inithe optical
domain, It 1s not the full population: of: neutral hydregen that

matters, but only those H atoms that have theilr electron on the
n=3 energy level.

Hence N(H, n=3)/N(H") = 0.02.
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2.6 The absorption coefficient

Other seurces of opacity In the continuum: hydrogen
molecules (cool stars), helium (neutral’orionizedin OB-stars),
free electrons (Theomson scattering, ot stars)

200000

180000

2 PR N T >
cle” ) =6.645107 " cm

120000

40000

20000

1s.nh 1s.nk

Metal ions and atoms (mostly in the UV).
Molecules (T1O....) in cool stars. ..
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2.7 The line absorption coefficient

Consider: the electric field of an electromagnetic wave moeving
along the x axis In a medium of permittivity. e:

E = Eo oxp [~iw (/v — 1)

Tihe wave moyes at a Velocity

where we have

Z IS the separation of the charges of the dipole.

In‘guantum mechanics, the interaction between:the electron
and'the photon triggers oscillations of: the electron density (the
clectron’s probability of being present at a specitic location):

65
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2.7 The line absorption coefficient

In classicalmechanics, the electron behaves as a forced and
damped oscillator (emission of:light Induces a loss offenergy):

d? = o = . e

-

dt? R dt Two = M

Ey exp(zwt)

Ep ] . 2 "__._l
—_— 'I"'.'I L g v ST e P, Ry _—— —_—
W20 —|— Ly W 2 —|— Wo 20 —

Ve thus obtain: s 3 — o —

Me [(wh—w=)+iyw]

FE = Fgexp|—iw(x/v—1)] = Egexp[—iw (na/c—1)] exp|[—kwax/c]




2.7 The line absorption coefficient

E=Fgexp|—iw(x/v—t)] =FEpexp|—iw(na/c—1t)] exp|[—kwax/c]

— | x EE" = Iy exp|—2kwax/c| = Iy exp|—l, px] = Iy exp|[—N « ]

Tihe Intrinsic apsorption coefficient can thus be written as a
l_erentzian profile:

47 e? v

mee (Av)? + (v/(4m))?
[iFtrue; this result implies that alltlines should have identical
Integrated strengtn!

fiw = Biuhv
Ty ' '

Quantum mechanical treatment f’"ﬂ iy — €
[ adv =




2.7 The line absorption coefficient

Osclillator: strength:

Building a model atmosphere requires a huge nummoer: of
alomic parameters.

A recent database of: suchi parameters Is the Atomic Spectra
Database of the National Institute of: Standards & Technology.
(NIST):

A compilation of-atomic lines may. be foundon the website
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http://www.pa.uky.edu/~peter/atomic

2.7 The line absorption coefficient

Collisionalibroadening (pressure broadening): the interaction
petween an atomiand: its neighbours alters the energy: levels of
the atom.
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2.7 The line absorption coefficient

Pressure broadening yields anabserption coefficient:
Vp AT
(v —10)? + (Vp/47m)?
Where the damping cogfficient depends on the average time
petween two collisions.

Y X

One distingurshes different types of broadening:

L_inear: Stark effect (p = 2) due to protons and free electrons.
Impertant for hydrogen.

Quadratic Stark effect (p. = 4). Important In atmospheres of
hot stars (Ions and free electrons).

van der:\Waals interaction (p = 6) In the atmospheres of
cooler stars (action of neutral hydrogen).

R ) 4 1/6 o g - 1/6
. v P:; v ! . W b W ! -
a2 30 Cu(l, u)2/3 [£ (L " i)] No 4 39 Cy(l, u)?/3 [ kL (L I )] Nion

e moA Me T 4 Mion
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2.7 The line absorption coefficient

Tihe impact of the linear Stark effect on the lines of
hydrogen: in A-type stars:

Luminosity Effects at AD

Mg I 4461

[+] i = L
o g ¥ ¥ :
H Fv.:! ] [_.""-1-[_! ":,rliﬂ__l Y g, II_,“ﬂ'-l_.-“ .--d'—'-_ll f L e’ FaaaaT e A el et | et s __,__.-._-An.u.-l

"u‘|_f.|1i'|.II-"'|.|"|I"|I|-|'U'-‘\.-|.r-|||"q J:'u'::-} |l::,|

. e 1||'-'-'-'1I|"*-‘ra-"-'l...r*|n"|’\-1l'1|[l||-‘hrrllnd‘-"ﬂlr.'l[. AO b

2200 4000 4100 4200

Wavelength

Increasing luminosity
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2.7 The line absorption coefficient

|_inear. Stark effect: the electric field lifts the degeneracy. of
the energy. levels of same principal guantum nuMmMBer:

Approximation of the nearest neighbour: 1t°s the nearest
disturperthat has the largest effect.

Probability that the nearest disturber: be located nia shell of
Inner radius R and outer radius R + dR = product of:the
probability that a disturber be located in this shelliand the
p;obgbility S(R) that no other disturber lies withinia sphere
of radius R:

plR)dR = s(R)4w RZAR N

d s

WHEIER <(R + dR) = s(R) (1 —47 R*dRN) = s(R) + —
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2.7 The line absorption coefficient

l_et R, be the average distance between particles:

\We can thus express the probability initerms of the electric
field produced by the nearest neighbour'
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2.7 The line absorption coefficient

Each transition between
sublevels has its own oscillator
strength and the resulting
absorption coefficient Is the
weighted (by p(E)) average of
the different Stark components:

2 2
Tes A\
= — # ) d A\
mc ¢ b ".. N 74




2.7 The line absorption coefficient

TThermal readening: thermalfagitation of the aksorber
creates a Brownianimotion with a radial velocity. component
(hence Doppler effect):

AN A—2Xg
A0 Ao
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2.7 The line absorption coefficient

Absorption coefficient broadened by thermal agitation:

al/2 g2 Ay T AN

T T2 Aap Exp[_[&;\ﬂ]

Tihis Is a Gaussian: profile.

Iihere exist other motions of the material Whichiarise from
non-thermal processes (micro-turbulence):
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2.7 The line absorption coefficient

Comparison LLorentzian and Gaussian:

T



2.7 The line absorption coefficient

Combination of: different broadening effects:
o = oantrinsic) * o (collisional) * a(thermal) * amicroturoulence)

convolution of: 2 lLorentzians  convolution of: 2 Gaussians

\oigt-Hjerting function:

o oxp (—y?) dy

Ha,u) = ; [

i W OE R r)
g —0o0 {y — 1 :E-___]'" “+ a“
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2.7 The line absorption coefficient

\/oigt-Hjerting function: Hau) = 2 exp (—y?) dy

e (y —u)?+ a?
Gaussian:inithe core, o
WIngs due to [_orentzian L a-0.00625

a=0.0125
a—0.025
a=0.05
a=0.1
a=0.2

—
"
o

-
M

j S—

o]}
™
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[11. LTE plane-parallel stellar atmospheres

Model atmosphere = table giving the physical parameters of
the gas as a function of optical depth.

One takes a number of simplifying assumptions:
Plane-parallel geometry
Hydrostatic equilipbrium:

A starwith a large value of g will'have a more compact
atmosphere. Tihe plane-parallel approximation Is thus better
justified for dwarfs than for giants or supergiants.
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[11. LTE plane-parallel stellar atmospheres

One takes a number of simplifying assumptions:
[ihere are nelther star spots, ner granulation.
Tihere 1s no magnetic field.

Atmosphere In LLTE: the populations of the energy. levels are
given by the Boltzmann and Saha eguations:
j\’r}'l. 9n

= —— exp(—v,/ kT
N = ury P X/ R

Nz i+ 1 2 u Z.,i+1 (T) 2mme kA

EVZ .2 j\‘re (7} Z.i (T) }12

3/2
) exp (—xqi /K1)

Non-LLTE conditions are strongest In the atmospheres of hot
stars with very intense radiation fields.
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3.1 The source function

Tthe source function S(z) plays a fundamental role. It Is
crucial for the computation of specific imtensities, fluxes,. ..

/ Sy (ty) exp [(1y — t,) secl] secBdt,
o To

— / ) .S:_.r [f:r :' exXp [t- Tw — Ly ] SEC H] sec 6 dfv
40

o T . .
[ [ S, By (t, —7,)dt, + / S, Ey(r, —t,) dt,__,]
T 0

e =] T
[ / 1511__; E‘3 {:f;: — T ‘_]' a‘-tu _|_ /D J.STI_; ES [\Tp - f;r) Lit:_.r]
J T

1
B
1
2
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3.1 The source function

One way. to deal with the source function Is to expand It into

a Series: r——
Sy(ty) = D Qnt]

n=>0

[
/ Sy(ty) exp (—t, /1) =t dt,
0

[ pa—— .
LT ™ (it:__r

Z On f ff exp (—t,/ 1)

0 Lt

=0

Nynar

Z (:;J T ‘Lf-ﬂ. 'Ir't..!

=0

From this relationiwe see that the limb darkening actually
reflects the behaviour of the source function. Determining
the limb darkening observationally hence allows to derive
the source function.
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3.1 The source function

Example: limb darkening of:a grey atmosphere with the
Eddington selution.

.. L gy 2 3
I =0, 0) =1,(0,1) v 1+ = 5 ,u)

a+p— A1+ ap)

I;;__; (’T;;__; — O., }'—i — Iy (O- 1) a+ 1 — ;“1/(1 -+ Ck.')
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3.1 The source function

L_iml darkening of a grey: atmosphere (comparison
Eddington vs. LLabs):

Eaiiant
-.m n

=
- I::
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3.1 The source function

Tihe opacity depends onithe electron density.
Consider a chemical element Z withrabundance (relative to H):

lonizationiequilivritim
IS described via the Saha equation:

_ (2rm)3 (K T)P? 2uy(T)
" wo (1)

exp (—Er/kT)

These equations are solved
Iteratively. 86



3.2 The diffusion approximation
I-or: large optical depths, LLTE IS a good approximation.

HoweVer, the atmosphere cannot be Isothermal, otherwise there
would'be no transport of radiative flux.

Consider a Traylor expansion of: the source function as a
function of optical depth'

& ()" i )" [d" By[T(ty)]
S, (t,) = Z [T} -

Here, We restrict ourselves to the first 2 terms of:the expansion:

df 17 T

,S‘;_;(tr..f) — B;__; (Tu) —+ (f;u — ’T;__,-) |:

Tihe specific intensity hence becomes

dB,[T(t,)] }
(Z i_ 1/ Ty

II.-J' (TI!) — B;}(ﬂ;) + j2s |:
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3.2 The diffusion approximation

dB,[T(t,)] }
CZ-!-;; T

I,(1,) = By(,) + s [

We deduce: J,=3K, = B,

Hy:ldBy: L dB, dT

3 dr, 3ryp dlI' dx

Radiative energy. IS transported owing Lo the temperature gradient.
Rosseland opacity: Weighted by the flux.
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3.3 LLine blanketing

Opacity Is larger m the lines thanin the continuum.
Tihe opacity of:the lines partially blocks the radiative flux.

Theretore, the available “bandwidth™ for the radiative flux
DECOMES NArTOWET.

10 evacuate the radiative flux, the temperature in‘the part of the
atmospherewnere the lines formi (7)) must thus Increase.

Teff/Teff =1-f

In the case of the Sun, “line blanketimg™ yields = 0.014 which
results 1 a difference Inieffective temperature of: 200K
compared 1o a hypothetic case ofian identical star Wwithout
spectral lines.
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I\/. Diagnostics from line and continuum

Spectra

Use of:spectralilines and properties of:the continuumito infer:
the physical properties of the stellaratmosphere and of the
star.

Measurements ofi spectral lines (and their [imitations).
Link between line flux and line opacity.

Intensity: of spectral lines as a function of

Populations of energy. levels (statistical' egunlioritum)
Tilemperature and pressure

Chemical abundances

Tihe influence of photoespheric velocity fields on the line
profiles

Micro and macro-turbulence
Stellar rotation
Observational determination of the stellar properties
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4.1 Measurements of spectral lines

Observed spectrum: = convolution: ofi real spectrum and mstrumental
[ESPONSE:

D(A) = F(A) * G(A)

IR Fourier space:

Tihe istrumental profile 1s determined by ebserving lines that are
intrinsically: very narrow.

- the instrumental response Is sufficiently well'known, one can
attempt a deconvolution (drfficult in practice).
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4.1 Measurements of spectral lines

Strength ofi a spectral line: concept of eguivalent width:

A2 B
(1 — N(\))d\ = fh Dc(/‘gc(}fu)

d A




4.1 Measurements of spectral lines

IMeasurement of the line position; Various methods:

Cross-correlation with synthetic profile orspectrum of:a
standard star:

Bisector method.
Fit of a Gaussian.

IMieasures In'the air- orin a Vacuum: speed of-light in the airvi=
c/mwhere n, = 1.0008 under normal conditions of temperature

and pressure.

= AN=2A,(n—1)

Py
1Py

n—1=(ng—1)
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4.2 1Link between line flux and opacity.

Consider |, and'x, the opacities in the line and nithe continuum.
Consider J' and'j¢ the emissivities of:the line and continuum.

Tihe total optical depthibecomes: Rl (s oty Wexe it
The total source function Writes

[ -

\ oo
LSTI__: E > {: f e ) \"__Ii_ i 7 - 2 aw _/D B L {: T } E 2 {: T J Lirr;[_.r

) -
27 f B, (T') Ea(Ty,) by + Ky dTo
(0]

F i {:_'TI__; — D) — 27 f

(]

M

™ [, 4+ Ky
PTI.-’ f— / [E . I (I'.to — ..?—I _|_ -?—c
0 o



4.2 Link between line flux and opacity.

If-the source function can e described by the Eddington
22O (o

selution: |
S(T) =

Hence, S(zy) = 7, (0)/m provided that t; = 2/3 (Eddington-
Barbier relation)




4.2 Link between line flux and opacity.

S(ty) = A(0)m &t = 2/3
For a weak line, we get

. LSTI_; {"TE — T]_ 1} - LSTI__.! {Tl! — T]_J

i-Sfl_,r { 'Tﬂ — 'T]_J

d Sy,

;511_.* |‘\Tp = T ‘.} — ;511.; (Tf + Te = 'le — ‘511-’ {:.'Tﬂ — 71— Tl "} - LSTM Ii".l'_f_-_ - '_-"_1) N dT,
Te
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4.2 Link between line flux and opacity.

[=0r: vVenry opaque lines; o, IS not reached Inside the photosphere, but
only Inside the chromosphere. Temperature Increases Inside the
chromosphere. Ifthere IS enough material’in the chromosphere, one
OLSErves chromospheric emission lines:

HD 78366 HD 101501

3928 3930 3932 3934 3936

3970 3972 3962 3964 3966 3968 3970 3972
Wavelength




4.3 LIne strength

Tihe strength of a line Increases When the number: of asorbers
Increases. One needs to know the populations of:the atomic energy.
levels.

Outside LLTE conditions, we make the assumption of statistical
eguiliprium.

SIS . p = N, A, ¢(v) by

NIl ellol el I 7, » — Ny By, &(1) h vy — Ny Bug é(v) hv

Source function ofithe line:

. Ny A .l d’“’)
. f\‘rj Bi,u C-L’U’J o P"T'H- B u,l Q{p'}

Statistical' egurlibrium:

d Nj
dt

M
=> (NiPj —N; Pji) =0 i#j.j=1..M
i=1
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4.3 LIne strength

Statistical eguilibrium: M linearly dependent equations,
underdetermined system.

d N,

ot

M
=> (NiPij —N;Pji)=0 i#4j=1..M
i=1

Transition rates:
Pij=4mA;;+A47 By / T T, dw) dv + e
A .

s =)
Pij =47 B;; _/D Ju d(v) de + ¢

[ ]
Pjﬂ: =47 f'ilj?-j, + 47 Bj!-f_ Jy Q{I’_} dr + Cji
0

o
Pra=4m By [ o o) dv + s,

Closure condition:
Z B‘"Tj — i?\'Tt.-::rt.a;l

j

One usually suppresses the equation relative to the ground level.
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4.3 LIne strength

| depends on S, Which depends on the populations N, N, which in
turn are set by the eguations of: statistical' eguilibrium that mvolve J

Tihis problemimust be solved in an iterative way.
/X Operator

vV

T

-. 1511__; E 1 {’ T — t:_.r ‘_]' (ﬁtu] — E'S.-TI__, { 1511__; ‘J'

. s s
5 [ -/ ;STI_; E 1 [\t:# - 'r;[_.ﬂ'j ‘r—itl.-’ _|_
/ T

o

/\ 1terations

Simplifications suchias grouping some energy levels mto
“superlevels’™ and linearization of the A operator.

1K0]0)



4.3 LIne strength

Numerical implementation oft A iterations: the Feautrier method

[ihe eguations of radiative transfer are discretized on a grid of: nodes
In optical depth © (Index 1) and = cos 0 (Index |): for Instance

Ot
dl;
dT,

in

o dl)

dT,

out ¥
_Z— 1 - LS 1’

in ¥
Il'.-f — LS]'J"

With = 0'and the boundary conditions: (- —0) = 0

I;f,’ut (7 = +oc0) = O




4.3 Line strength
One Introduces new variables:
1
5 () + 1 S ()]

i (5" (1) — L7 (10)]

out
dl;
dT,
in
dl)

dr,,

4

— M

L P, ., N
U ‘ (7 =0) P.(m=0)

dr,

d P,

dT,

7 — P, (T = o)




43 Line strength

Tihis eqguation Is discretized as
W(i,i— 1Y P | +W(i,i)) P! + W(i,i+ 1) P/, = S;

Wi Pi = §
Tri-diagonal matrix eguation, resolution straightferward.
Numerical A iteration:

Start with an initial estimate of: the SOUrCE TUNCLION: FiS: Ne

At each iteration, compute BARKCH NS

Use the mean intensity to solve the eguations of: statistical
equilibrium and compute a new approximation: ofi the source

function.
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4.3 LIne strength

Tihe temperature Is a key: parameter for the strength of a line.

[ continuum apsorption Is deminated by the negative Rydrogen: Ion:
0.7Hh4
KT

rpp(H™ ) ocappr(H™) P 75/ exp |

Consider a line of an 1on Z¥ Wwhere ZY Is the dominating ronization

i + 0.754

kT ] P o exp LQ Tj}

i Q
kT2

The strength of the line decreases as pressure INCreases.
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4.3 LLing strength

.]":."1_.# 'F__IT o k TE

Tihe line strength does not depend’on pressure.
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4.3 Line strength

T+ +0.754
kT

1 dny I+ v +0.754

5
1y dT =7 T2

Tihe line strength decreases strongly WITh Increasing pressure.
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4.3 LIne strength

If-the continuum absorption: Is dominated by, the 1onization of
neutral hydrogen:

Kb f {H.. T _]' o0 Qe f {H.. T .]' exp [

Consider the same situations as previously: a line ofioni Z¥ where Z¥
IS the dominating Ionization state ofi SPeCIes Z.

Ny o< exp (—32F)

= o The X exp [— UL—T\H]

Tihe line strength Is Independent of: pressure.
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4.3 LIne strength

—Xn ]

kb (H.n) oc app(H.n) exp |

kT
L_ine of an 1on Z¥ where Z¥*L is the dominant ionization state.
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4.3 LIne strength

Tihe line strength decreases With Increasing pressure.

In B, A, and F stars, the hydrogen lines are broadened by the linear
Stark effect (proportional to the electron pressure). The lines are
stronger: In stars of lower luminosity.
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4.3 LIne strength

The strength of a Ilne generally increases with the abundance of:the

In LTE:

Consider a model atmosphere withia linear dependence of the
source function on optical depth:

B, [T{.Tc.}] = By + By 7.

2 B
=S 5, =27 [ (Bo+Bi7e) Eal(1 +m) 7o (1 + ) dre = 7 (B-:.+ 3 1—|—1r} )
0 L
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4.3 LIne strength

Tihe equivalent width becomes: FSEEE RN R
0 + 1

> o Hia,v)

2 Ag Avp dv

o l+mnoH(a.v)

Curve of growth:
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4.3 LIne strength

Curve of: growth: 31

l_inear: increase oft EVW with
the number: of particles
(Doppler:core of the line gets
deeper).

Saturation: opacity In the core
reaches Its maximum: value.

Increase as the square root of
the number. of particles
(Increase of the wings of the
line).

.l'ﬂli 0 .I'I"\ Lf n :]

e

1.'_ Ft

EW,

iy
iy
™
ot
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4.3 LIne strength

Other way. to illustrate the concept of:curve of: growth: suppose the

line forms Inia reversal layer abeve the region Where the continuum
IS formed =2 7, = F.exp(—7)

H L L L Ny
Wlth Ty = f ly pdr = / Nyade = Az f — N adr
0 0 o N

Nz

For: a low number: of albsorbing particles, the optical depthiis small
and one finds:

B 43.)‘/
mec Av? g




4.4 Photospheric velocity fields

Photospheric velocity fields can be classified into several
categories.

Apparently: chaotic moetion: micro- and macro-turbulence.

Radial'and non-radial'pulsations (See lectures on Astro-seismology
or Variable Stars)

Rotation of'the star about Its axis.
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4.4.1 Micro- and macro-turbulence

Tihe Sun: spatiali resolution allows distinguish granulation due to
motion: In the Upper: part of the convective zone. Brighter regions =

ascending hot material, darker regions = cooler, descending
material.

The velocity field of the Sun’s non-radial pulsations are superposed
to these motions. 115



4.4.1 Micro- and macro-turbulence
Red Supergiant Antares: resolved with VLTI

Continuum and CO!lines yield different pIctures:

20 0 -20 20 0 -20 20 0 -20 20 0 -20 20 0 -20 20 0 -20

Right ascension offset (mas)

2.293 ) 2.294 2.295 . 2.295 23
A (um) A (um)
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4.4.1 Micro- and macro-turbulence

Detailed investigation of: Antares reveals complex (large-scale)
turbulent motion in the extended: parts ofithe stellar atmosphere:

1.0+ ¢ Position A

1.0

0
10} g PositionC
mm

2.301 2.302 2.303

Intensity
o o
(2] o]

(=]
(o)

Intensity

Intensity
[=)
o

20 0 -20
Right ascension offset (mas)
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4.4.1 Micro- and macro-turbulence

Other: stars: the individual granulation cells cannot be reselved; but
the effect of:the velocity field on the line profiles can be measured.

One distinguishes

micro-turbulence (“turbulent elements’ are small compared to the
length corresponding toz = 1), e.g. Alfven waves. Micro-turbulence
broadens the line profiles (Gaussian of width a few km s).

macro-turbulence (“turbulent elements’ are of: comparable size to
the length corresponding to t = 1). In this case, each “turbulent
element™ produces its own spectrum, shifted m wavelength by: the
corresponding Doppler shift.

[Tihese motions do not necessarily correspond to genuinge
nydrodynamic turbulence, but may. arise fromithe combination: of
motions of different origins.
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4.4.1 Micro- and macro- turbulence

One of the consequences of macro-
turbulence due to granulation: “C-shape™ of
photespheric lines (bi-sector: shifted by about
100'm s+ between the wings and the core of
the ling).

blséctor

rising

\/




4.4.1 Micro- and macro-turbulence

L_et ®(AL) be the fraction of the photons emitted In an interval
shifted by a Doppler shift AX.

- Ee j I, % O(AN) cos 6 dw

|1 IS the specific intensity In the apsence of macro-turbulence.

Suppose that the macro-turbulent cells follow a Gaussian
distripution ofistandard deviation Vy:

)

N{AN) dAN = _; exp [— ( A )

V7 Co cos g Co cost

Model of purely radral or: tangential macro-turbulence: velocity of a
celliis erther radial (fraction Ag) or tangential (A; = 1 - Ag):

AR Op(AN) + Ap O7(AN)

4'I_1-R x&)’( < _.:'I. y
T ——— exXp | — - - —|— —_—
VT (R cos (p cos6 VT sinf




4.4.1 Micro- and macro-turbulence

ArpOrR(AN) + AT O (AN)
o AR AN 2 AT AN 2
T Urimcosg P [_ (gR ::Dsﬁ') ] T = sme P [_ (c_:T sma) ]

/2 /2
g -, = 27 [AR OR(AN) « I, sinf cosf df + Ar O (AAN) * I, sinf ::Dsﬁ'dﬁ']
0 0

w2 w2
F, = 2nl, +|Ag f ORr(AN) sin @ cos0do + Ar f Or(AN) sin 6 cos 6 do
27wl ’*Tf? Ap /2 2
= * ex sin 0 dfl + — / ex cos 0 df
VT [‘;R 0 P [ Cr CDSQ ] ¢r Jo b [ Cr 51119 ] ]

= 71, « M(A)N)
with

2 AR AN [Cr/AN ) 2 Ap AN [CT/AA ,
MaN) = =555 fD exp (—1/u?) du + =25 fD exp (—1/u?) du

If Z;R - CJT s Z; , then: M(AN) = j&{; fc = exp (—1/u?) du




4.4.1 Micro- and macro-turbulence

£ o= 7 L{x)M(AN)
m(o) =2 f M(AN) cos (27T ANT) d{AN)
2AN

C/AN ,
M(AN) = =5 f exp (—1/u?) du S

—exp [—(7m ¢ 0)?]
(r¢o)?

mio) =




[ellar: rotation veloclties range between a few km S+ and Several
undred km S,

U )

SURE anguiar VEIoCIty Gepenas enitne latitude (arnierental rotaton).

UL
< -
ROLALION MOEAITIES e SNape 01 a Star;, Ieading to a nen unirerm

QISLRBULION OT: tNEe SUrTaCe gravity ana Nence tie Suriace temperature

(gravitationeal darkening emect).
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4.4.72 Rotation

In principle, one has to discretize the stellar surface mnto a grid of
poInts with different temperatures and gravities, and to, compute the
specific mntensity In each point according to Its parameters.

Here, we consider the simpler (1dealized) situation of stellar: surface

rotating as a solid body.
In each point of the surface R (X, Y, ), 0ne can thus write:

v=0nH
where Q IS a constant vector. 124




4.4.72 Rotation

Z  towards the observer

;

Q,=0and Q =Qsin i
[_et us consider the radial

velocity (positive for receding
motion)

One has to evaluate the flux at a wavelength shifted by the Doppler

shift corresponding to the local value of x.
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4.4.72 Rotation

One has to evaluate the flux at a wavelength shifted by the Doppler
shift corresponding to the local value of:x.

In the absence of: macro-turbulence, consider. t atbetween the
specific intensity. of the line at AX and' the continuum:

H(v) = H(AXN) = 1.(AN) /1.
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4.4.72 Rotation

-_'f" H {. v — VU, .:' ! ~ COSs 8 diw
= f I. cos O dw

{ H{“ — V. .} I;:. COs '6. {fq".r_.:' = / / H{I'I — v, '], I‘: ff-.'l.’ dy

R . VRE=2Z gy \ dr
H‘—‘ / Ic_“ —_—
/; R { ?- I ~ } ( _ \-"IR F —;T.'-""' R ) R

R2

/=2 | ay

.y
1 J'_. T Lz le T . . —~ ..
—_— for |v.| = veq sini = R €2 sin

Vaq sinié ¢ I. cosOdw

|?_!_-:;;| = ?-!Eil:j_ Si]]. "

. ]
H{I" — . :|. f_? ( V. :I {fﬂg fd H{I'l} e f_? ( 11:|

— oo

The line profile widened by rotation is the

convolution of the intrinsic profile and the function G.
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4.4.72 Rotation

]

H (v —v.) G(v.) dv, = H(v) + CG(v)

Veq SN )

\We thus ebtain:

- . . L _.-""- . )
2(1 —¢€) L V.. 1 .
T (1 — 3) Vaqg sini Uaq SiNL7 2(1 — §) veq sini Veq Sin i

2(1 —¢€) J1(2m AN 7) 2e cos(2m AN o) 2esin (27 AN 7)

1 — 2m AAL O (1 —5) (27w AAp o)= (1 —=5) (27 AAL o)

£
3




4.4.72 Rotation

|T:we account for the effects of macro-turbulence:
f I\ — Adror) + O(AN) cos 0 duw

f I,(A\) % O(AX — Adjor) cos 0 dw

1 H(MI (1 — 2+ 2 cosO) « O(AN — Alor) cos @ dw
(A) Lo ( | ( |

H(A) * f I9(1 — 2+ 2 cos ) O(AN — Alrot) cos @ dw
H(\) « M(AN)

Tihe function M(AX) includes now the effects of rotation and of
macro-turbulence.
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4.5 Observational determination

Use ofi the different observational dragnostics to determine the
fundamental’ parameters of: the stars.

Effective temperature:

Slope ofithe Paschen continuum (If the interstellar reddening Is
KROWN)

Relative strengthrof pairs of:lines sensitive to temperature

Pressure:

Strength of lines sensitive to gravity (this allows to evaluate the
“Spectroscopic mass™: of the star):
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4.5 Observational determination

Simultaneous determination of: temperature and pressure: equivalent
widths of two lines ofithe same 1on with different sensitivities on 1
and'g (lmnes arising from levels that have different excitation
potentials).

One searches the intersection between 1securves ofithe EV/S.
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4.5 Opservational determination
Determination: of the chemical composition:

Empirical curve of: growth: the curve of:growth Is intrinsically the
same for all lines of an 1on. In the linear: part of: the curve, one finds;

HenCe, ]Dg h = (' + ]DE; Az g + l{jg (i f; u A_.} — % — l‘:‘g Fopn

Tihe different curves of: growth are shifted horizontally and one
determinges the shift pPRErEr® of each line to minimise the
dispersion of: the poInts around the curve.

Global fit of the spectrum with'a model atmosphere code.
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4.5 Observational determination

Solar-abundances: logarithm of the hydregen abundance arbitrarily
set to 12.0.
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4.5 Observational determination

Projected rotational velocity: study. lines free of blends and weakly.
affected by collisional broadening. In fast rotators, gravity.
darkening lowers the contribution of:the equatorial regions.

Different methods have been used:
Measure the full'width at half:maximum ofithe line.

Cross correlate with the spectrum of a star of: known rotational
Velocity.

Comparison With:model atmospheres.
Fourier: transform.

D(AXN) = H(AXN) = M(AN) « L(AN) = é

d(0) = h(a) g(o) (o)
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4.5 Opbservational determination
d(c) = h(c) g(o) (o)
Tihe Fourier: transform g(c) has zeros, the first of which'is set by the
value of V, Sin |

Application to real situations; macro-turbulence and noise.

HD 93521: He I A 6678

D(AN) = H(AN) + M(AN) = L(AN)

d(o) = h(o) m(o) (o)

rmalized Flux
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4.5 Observational determination

Case of a binary: consisting of two stars with very different
rotational Velocities:

Si IV Hd+N III

AT 310 + 20'km/s

o

— =

N Si 11,: II-[e I ]-IIe 1 H|E 11

TV Y Y 66/ 9 Kkm/s

MO 00 = 0O B O

N
O
o
-]

oo

4050 4100
A (4)

= = =
— e,

NIHI Mg II 3 IV N III

e
0.6

4350 4400 4450 4500 4550 4600
A (4)

=
Qo

=
-
=
o
o]
s
@
~
=
=
Q
P

136




\/. Expanding spherical atmospheres

Radiative transfer in the continuum:

Grey atmospheres.

[Feautrier method.

Radiative transfer in spectral lines:

Optically thin spectral lines.

Optically: thick spectral lines: the Sebolev approximation.
Beyond the Soboelev approximation.

The effect of free electron scattering.

Structures i stellar winds.
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\/. Expanding spherical atmospheres

Tihe spectra of Wolf-Rayet, O'and Of stars display the
spectral signatures of: stellar winds (P-Cygni profiles)

I-.-J
-
—
=
=
[ub]
i)
Pt
—
|:'|:i
&
i
[
=

"_j | 1 | | | l 1 l l | | l | l 1
i370 1380 1390 1400 1410 1420

Wavelength (&)

Stellarwind'=compination of an important mass-10ss rate
With a fast expansion. Acceleration through radiation
pressure in the UV lines.
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5.1 Radiative transfer in the continuum

The expansion of:the Wind'has essentially no effect on the
transfer of the radiation In the contrnuum.

Dilution of:continuum radiation In an
’ ‘ extended atmosphere.

Moments of: the continuum radiation
field Iinian extended atmosphere.




5.1 Radiative transfer in the continuum

Equation of: radiative transfer in spherical geometry:

A (r? H,)

=2k, p(S, — .1,
I T Ry p (S, )

-_} a ) ) .
Ohe L 3K, ) H, =0

AT, R 2
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5.1 Radiative transfer in the continuum

Generalized Eddington factor:

l_} ..-'.- , i "
I, B 1 (3 K, —.J, ) — H, =0

1, TRy

tends towards 1/3 Very deep: in the atmosphere and towards
1 in the outer layers of:the atmosphere. .

Solution of the transfer equation depends onithe behaviour
of the generalized Eddington factor:
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5.1 Radiative transfer in the continuum

Grev atmosphere In radiative equilibrium (J'= S):

s(T+1)

lhm—“ e
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5.1 Radiative transfer in the continuum

In the nner regions of: the atmosphere (= 1/3)

Value ofithe constant ofintegration? Connect the two,
solutions assuming that the opacity Varies as Some negative

-3 (n—1) L.7
 on4+1 16722

for t — oo
The solution hence becomes;

sy =2 L ()

n+1 1672 r2

3(n—1)
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5.1 Radiative transfer in the continuum

Tiemperature profile of an extended atmosphere in LTE
(Crude approximation): e s ARy eR W2

J(7) =

3(n—1) L. ( _ n+1
n+1 167272 ' " 3(n—1)

= (7)) =1(r =1) 77

Tilemperature decreases outwards and the spectral
distribution appears “flatter” than for a planc-parallel
atmosphere of same effective temperature.
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5.1 Radiative transfer in the continuum

Feautrier method: we Introduce a new variable

Resolution ofithis equation requires knowledge of: 1. (r).

This problemiis solved by numerically integrating the
transfer equation along a straight line of Impact parameter: p.
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5.1 Radiative transfer in the continuum

Numerical reselution: of:the transfer equation along a
straight line p = Cte.

o)

— knowledge of I (p, ) and'numerical determination ofi f,
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5.2 Radiative transfer in the lines

Consider a spherical atmosphere in radial expansion.

The Doppler shift in the observer™s frame 1s' given by

v, = pv(r) = cos(0)uv(r)
(0, 2) coordinates:

observer at z— +

Photons are observed at a wavelengthi A, shifted by the
Doppler: shift.
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5.2 Radiative transfer in the lines

Spherical'atmosphere in radial expansion: P-Cygni profiles.
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5.2 Radiative transfer in the lines

Optically thin atmosphere: each photon emitted immediately

leaves the atmosphere.
Energy received by the olbserver located at z — +oo;

E, = f f f 'Ir}'{:-'r' } & [1 s — o (1 + [t 1; (r) }1 AV
Vv (

Emissivity depends on the density Which depends on the
position nithe wind through the continuity equation:

n(r) = no (p/po)* WM v(r) = vo (r/R)"

n=np (r/R,)" ("t
Formulation of: Doppler shift:
—2 A Avp = g —
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5.2 Radiative transfer in the lines

Energy recerved by obsenver at z — +oo:

B, = 1o R f f / & (1 L ..1..1{__'?"_.}) o (n2)a gy
- JV _ D

@ sharply peaked function = emission at IDoppler shift
forms near the surface with' the “right™ radial velocity i the
observer’s frame of reference: \V, ISOVEloCIty surfaces = locus
of the points having the same radial velocity i the
observer’s frame of reference (depends on velocity lawl).

Tihe emission at a given Wavelengthi dogs not arise inia
Specific point, but rather over: a surface ofisame V..

In certain cases, a given sightline Intersects the same
Isovelocity surface twice = coupling between the radiative
transfer at these points.
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5.2 Radiative transfer in the lines

\/, IseVelocity surfaces.
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5.2 Radiative transfer in the lines

Optically thick atmosphere: the presence of a velocity.
gradient simplifies the resolution: of:the transfer equations

(Soboelev approximation).

Optical depth from point (p, z) towards the observer at z —
£00:

7(z,p.X) = / L) p(r) dx = [ () o) d2
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5.2 Radiative transfer in the lines

T(px) = [ LG et d = [T ) o) d

dihe most important contributions to this integral arise from
the points such that

31 o { ro :I;'; Up = X

0

I\/Ioreover
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5.2 Radiative transfer in the lines

T(px) = [ LG et d = [T ) o) d

If:the photon interaction region is small,

T 'f 0) X—vz/vp
Q(ro. o) J—
T L . 1 — e .Illlf 5y o )
El[.?l_;l_.} : : / ‘-?'.-L’{LEJI:' {i&-f

2 [ dloge/virg)
1 _|_ ‘u |: o lﬂg T l,f"-'ﬁ] o 1i| 0
To(ro ]'

14+ p [ dlog /o 1} 0

(&) de’

B(x — v-/vp)

ILrlj} = I'?IUH} -0 t;:; & (I}(J'if — v, ;"#'UD) — L.rl";:l fvnp "I’ { ‘[;LJ' -} dE;
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5.2 Radiative transfer in the lines

Optical depth from an arbitrary point and along an arbitrary.
direction:

{I}
5(r) 1 —exp (5SS )|

Sy (1) [1 — exp (—w 1 + I. exp (_M
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5.2 Radiative transfer in the lines
Sp(r) [1 — exp (—w ]

Qr,m)

~exp () 2(O) (_m(-r)fr(::)
Su(r) [1 ex| ( O ]—l—fc ex[ oG

Tihe mean Intensity can now be computed Via an integration
over solid angle...

NN b (CEOLEOY] g (DY
(r) = A :f dw ./;.;x;. »(C) {b{__’"_.} [1 — exXp (_ O, i) ]+I1nc exp ._ Q(r. i) }d‘:.

lige = I, for —ii € Q, and [ = 0 otherwise

..and one can express It interms of: the escape probabilities
ofithe photons:

J(r)y = (1= 3(r)S(r) + 8. 1.
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5.2 Radiative transfer in the lines

N (;.r;] — {]_ — L_';’[?j;l 5‘(?] + 3. 1.

Tihe probability that a photon escapes from the mteraction
region Is:

1 oo
[ dn [ 6(Q) exp (=7 dg
J—1 J—oo

(g R ]

1 1
[ [ expl-m(r) ®/Q )] d
LT _1 L D

1
m(r)~t /D (1 —exp (—m(r)/Q(r, p)] Q(r, ) dp

Tihe probability that a photospheric phoeton enters the

Interaction region Is:

1 — cos A, 1 o
5 f dp / exp [—m(r) ©/Q(r, )] dP
= J S0

= m(r)~ / [ —exp (—m(r)/Q(r. 1)) Q(r. p) dp
= Jons He

To first order:

Be(r) = w(r) B(r)
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5.2 Radiative transfer in the lines

Flux of the line as observed by an ebserver at ifinity:
% _A\ I{co, p.x)pdp

R—Z ( fH S(ro) [1 — exp (—7(—oc. p. X)) pdp + fD S(ro) [1 — exp (=7 (=00, p. x) (xc)] pdp

.
+1. / exp [—7(—oc.p, x) P(x.)]p d-p)
0

Allows te compute the line profiles in the framework of the
Sobolev approximation. In general, the equations of
statistical equilibrium must e selved because the
atmosphere I1s not In LTE.
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5.3 Beyond the Sobolev approximation

CoMoving Frame (CIMFE) method allows to overcome the
limitations of the Sobolev approximation When the velocity
gradients are small.

However, the CMFE Is not an inertial frame of: reference.
Complex method (especially because of:the nlLTE effects).

Currently, most popular approach for: analysing the spectra
of Wolf-Rayet and Of stars.
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5.3 Beyond the Sobolev approximation

Spectra of Wolf-Rayet stars: VWWN and \WC sequences:

H6, NIl He Il

-LHe | 3888 |
He |
He Il
He || 4686 |
% He Il, HB

N IV 4058
NI, N Y

He ll, NIl 4200
He Il 4339, Hy

HD 192163 WNB

C LIV 4650

HD 193793 wC7

3800 4000 4200 4400 4600 4800 5000 5200 5400 5600
Wavelength




5.3 Beyond the
Sobolev
approximation

Progression ofithe
Spectra as a function
ofithe strength of:the
stellar wind:

Normalized Flux

Spectral type Voo ;

(kms 1) (Ra) Moyrh)  (gem™)
04V 3000 120 1.0 025x10°% 3x1071°
O4 If+ 2300 196 08 1.8x10% 9x10°15
WN7 1385 167 1.0 79x10° 1x 10712
WC4 2800 1.06 1.0 95x107° 1.5x 10710




5.3 Beyond the Sobolev approximation

Analysis with CMEGEN of: the spectrum of a WC star:
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5.4 Scattering by free electrons

ree electrons contribute significantly to the opacity, of:the stellar
wind. They produce notably the scattering Wings in the profiles
ofi strong emission lines.




5.4 Scattering by free electrons

The free electrons produce “red” wings for the emission: Auer &
van Blerkomieffect

[Doppler shift of a photon at first scattering: i = Wx(V/c)

(o= cost = e - d/d
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5.5 Structures in the stellar winds

Are stellar winds really homogeneous and spherically
Symmetric?

453
N

\Winds contain a huge numberofismall' clumps of:higher:
than average density.

This fragmentation must be taken Into account to correctly.
evaluate the mass-loss rate.
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V1. Stellar magnetic fields

Stellar-atmospheres and interiors containihighly 1onized
plasma where charged particles move around = ideal

conditions for generation of:magnetic fields, but how caniwe
measure them?

Polarization.
The Zeeman effect
Magnetic fields In stars
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6.1 Polarization

Polarization:describes the evelution of the orientation ofi the
electric field'vector in an electromagnetic Wave upon propagation.

Electric
field

JONES Vector: _. e\ [ CGeexpli(wt—Fkz)]

Cy exp [z (

o = 0'— linearly polarized, o = £m/2 — circularly polarized.
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6.1 Polarization

Jones vector formulation valid for a single wave. In optical
astronomy/, one rather deals withi the specific intensity: described by

the Stokes vector:

< 2(y Cycoso >
< 2(z Gy sind >

|'specific mtensity, Q & Wilinear polarization, \/circular
polarization.
Modification of polarization properties described by Mueller

matrices: =M. M M Tinc

=—N=N-1"
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6.1 Polarization

Polarization:is alse affected by free electron scattering, diffusion
Dy Interstellar dust grams and'the imstrument Itselt:

Any. reflection or Interaction that breaks the symmetry modifies the
polarization.

Polarization: levels of stars are often very low (less than a few
PErcent).

(Spectro)Polarimetry/ Is a photon starving discipling requiring
telescopes and Instruments with low instrumental’ pelarization and
large telescopes.
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0.2 I'ne Zeeman errect

I lINes under the

Transitions Levels

BN N spectrum

without magnetic field with magnetic field
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6.2 The Zeeman effect

Consider an-energy level of total angular momentum

In the absence of a magnetic field, the level 1s 2 J + 1 times
degenerate.

\When an external'magnetic field is applied; the Hamiltonian
describing the energy needs to be modified by adding a term

5 2T (J+1) =L

gLs =




6.2 The Zeeman effect

Tihe splitting of:the energy. levels leads to the splitting of:the
Corresponding transitions:

AE = (gu My — g M) ppB

Where AM =M, — M, =-1, 0, +1.
AM=0 corresponds tow components (no Wavelengthi shift on

average) which are linearly polarized for lines of sight
perpendicularto the B field.

AM==x1 corresponds to the ¢.. components shifted i wavelength
SRRyl around A, and circularly polarized in
opposite directions for lines of:sight parallel'to the B fieldand
linearly polarized (perpendicular to the @ component) for lines of
sight perpendicular to the B field.
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6.2 The Zeeman effect




6.2 The Zeeman effect

Tihe Zeeman effect due to a stellar magnetic field can be detected
elther via line splitting or broadening (1f:the mdividual
subcomponents are not resolved) or via Spectropolarimetry.

2800 5802 5804 SBOE SEQE  S5B10 5812
Wavelength I::;lngstn;rm}
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6.2 The Zeeman effect

Tihe significance of the spectropolarimetric signature can be
Improved via LLeast Square Deconvolution.

Rotational moedulation of:the spectropolarimetric signal allows to
map the magnetic field via Zeeman Doppler imaging.

HD T21068AT

AN

AL . L
- - AT W
L.{t-t,-":‘#-ﬂiﬂwr A
1

L5D Stokes ¥ x 25

velocity (km/=)




6.3 Stellar magnetic fields

First detection of solar magnetic field in sunspots by G.E. Hale in
1908.

Flrst detectlon o) Iarge scalestellar magnetlc fleld by H. Babcock
In 1947.

Nowadays, modern spectropolarimeters: NARVAL @ TBL,
ESPaDOnRS @ CEHT and HARPSpol @ 3.6m ESO (LLa Silla).
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‘ ‘ g - ‘ NS\
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1'epPIG and NEL Stars Teature ratner simple (arpolar) magnetic
MOrPNOIQIES. ILESS T

}\\

L0%0 01 tNese stars nave a dfjicctable
MAGNEUC mld 1'NESE SLars 1ack e CONVECUIVE ENVEIOPE anai the
[1EIAS are ' '
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Exercise 1

4200 4400

5000 6000
Wavelength (A)

Comparisen with Fig.
1.11: spectral type F —G.

Relative intensity of the
H8 (3888 A) line
compared with Ca Il H &
K suggests spectral type
5 (Fig. 1.15). Weakness
of:Sr IIrA 4077 indicates
luminesity class V (Fig.
1.15).

Classification: F5\V
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Exercise 1

4400

5000 6000
Wavelength (A)

Comparisen with Fig.
1.11: strength of: G band
(4300 A) suggests spectral
type K.

Ratio e I'A 4325/ Hy
(4340 A) suggests type KO
or slightly later (Fig.
1.15). Weakness of Sr i1'A
4077 ndicates luminosity.
class VV-III (Fig. 1.16).

Classification: KO—1\V/—

[11"with peculiarity: Ho
(6563 A) in emission.
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F, (arbitrary units)
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Exercise 1

4200 4400

5000 6000
Wavelength (&)

Comparisen with Fig.
1.11: hot star (A — B).
Presence of He I (AA 4026,
4388, 4471) lines reveals a
B star.

Ratio He 1A 4471/ Mg i
4481 indicates spectral
type BS — 7 (Fig. 1.14).
Width of the Balmer: lines
Indicates luminosity: class
V (Fig. 1.14).
Classification: B5 — 7'V
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1.15). Weakness of Sr i1'A
4077 ndicates luminosity.
class VV-III (Fig. 1.16).

Classification: KO—1\V/—

[11"with peculiarity: Ho
(6563 A) in emission.
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Chapter 3

Source function at various Wavelengths and as a function of
the optical depth.
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Chapter 3

Tiemperature as a function of:the optical depthiim an ETI
atmosphere for different wavelengths.
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Chapter 3

Opacity as a function: of:the wavelength at 3 different
temperatures.

—

—"5800 K

1°g(’ck/ ’Csom)
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Chapter 5

Meani intensity of a grey atmosphere as a function of optical
depth: comparison of the exact solution vs. Eddington
approximation + Eddington approximation with A eperator.

189



Chapter 5

Relative error on J(z) for a grey atmosphere using the
Eddington approximation without and With application: of: the
/\- OPErator
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Chapter 5

Emerging ntensity 1(0, ) of a grey atmosphere. Exact
solution vs. Eddington approximation or Eddington
approximation combined withian application of the A operator
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